Simulating star formation in Ophiuchus by Lomax, O. et al.
Mon. Not. R. Astron. Soc. 000, 1–?? (2013) Printed 29 November 2018 (MN LATEX style file v2.2)
Simulating star formation in Ophiuchus
O. Lomax?1, A. P. Whitworth1, D. A. Hubber2,3, D. Stamatellos4 and S. Walch5,6
1School of Physics and Astronomy, Cardiff University, Cardiff CF24 3AA, UK
2University Observatory, Ludwig-Maximilians-University Munich, Scheinerstr.1, D-81679 Munich, Germany
3Excellence Cluster Universe, Boltzmannstr. 2, D-85748 Garching, Germany
4Jeremiah Horrocks Institute, University of Central Lancashire, Preston, Lancashire, PR1 2HE, UK
5Physikalisches Institut der Universita¨t zu Ko¨ln, Zu¨lpicher Strasse 77, D-50937 Cologne, Germany
6Max-Planck-Institut fu¨r Astrophysik, Karl-Schwarzschild-Str. 1, 85748 Garching
29 November 2018
ABSTRACT
We have simulated star formation in prestellar cores, using SPH and initial conditions
informed by observations of the cores in Ophiuchus. Because the observations are lim-
ited to two spatial dimensions plus radial velocity, we cannot infer initial conditions for
the collapse of a particular core. However, with a minimum of assumptions (isotropic
turbulence with a power-law spectrum, a thermal mix of compressive and solenoidal
modes, a critical Bonnor-Ebert density profile) we can generate initial conditions that
match, in a statistical sense, the distributions of mass, projected size and aspect ratio,
thermal and non-thermal one-dimensional velocity dispersion, observed in Ophiuchus.
The time between core-core collisions in Ophiuchus is sufficiently long, that we can
simulate single cores evolving is isolation, and therefore we are able to resolve masses
well below the opacity limit. We generate an ensemble of 100 cores, and evolve them
with no radiative feedback from the stars formed, then with continuous radiative feed-
back, and finally with episodic radiative feedback. With no feedback the simulations
produce too many brown dwarfs, and with continuous feedback too few. With episodic
radiative feedback, both the peak of the protostellar mass function (at ∼ 0.2 M) and
the ratio of H-burning stars to brown dwarfs are consistent with observations. The
mass of a star is not strongly related to the mass of the core in which it forms. Low-
mass cores (Mcore ∼ 0.1 M) tend to collapse into single objects, whereas high-mass
cores (Mcore & 1 M) usually fragment into several objects with a broad mass range.
Key words: Stars: formation, stars: low-mass, stars: mass function, stars: pre-Main-
Sequence, hydrodynamics.
1 INTRODUCTION
The origin of the stellar initial mass function (IMF), and
why it appears to be approximately universal, remain major
problems in star formation. Two main scenarios have been
proposed to addresses these problems.
In Competitive Accretion, part of a molecular cloud col-
lapses, thereby providing a gas-rich environment in which
stars form. The most massive stars preferentially accrete
the most gas; the least massive stars may be ejected from
the system by N -body interactions and cease accreting (e.g.
Bonnell et al. 1997; Reipurth & Clarke 2001; Bonnell, Vine
& Bate 2004; Bate & Bonnell 2005; Bate 2009a). This sce-
nario naturally yields a distribution of stellar masses similar
in shape to the IMF (Kroupa 2001; Chabrier 2005), with a
peak close to the cloud’s original Jeans mass.
? E-mail: oliver.lomax@astro.cf.ac.uk
In Turbulent Fragmentation, molecular clouds do not
collapse on a global scale, but turbulent flows within the
cloud produce dense cores (e.g. Padoan & Nordlund 2002;
Hennebelle & Chabrier 2008, 2009), roughly between 0.01 pc
and 0.1 pc across. Cores are usually well separated from
one another, and those that are gravitationally bound col-
lapse to form stars (e.g. Andre, Ward-Thompson & Bar-
sony 1993, 2000). Star formation in cores has been sim-
ulated numerically by Bate (1998, 2000); Horton, Bate
& Bonnell (2001); Matsumoto & Hanawa (2003); Good-
win & Whitworth (2004); Delgado-Donate, Clarke & Bate
(2004); Delgado-Donate et al. (2004); Goodwin, Whitworth
& Ward-Thompson (2004, 2006); Walch et al. (2009, 2010);
Walch, Whitworth & Girichidis (2012).
Recent millimetre and submillimetre observations of
star forming regions (e.g. Motte, Andre & Neri 1998; Testi &
Sargent 1998; Johnstone et al. 2000; Motte et al. 2001; John-
stone et al. 2001; Stanke et al. 2006; Enoch et al. 2006; John-
c© 2013 RAS
ar
X
iv
:1
40
1.
72
37
v2
  [
as
tro
-p
h.S
R]
  3
0 J
an
 20
14
2 O. Lomax, A. P. Whitworth, D. A. Hubber, D. Stamatellos and S. Walch
stone & Bally 2006; Nutter & Ward-Thompson 2007; Alves,
Lombardi & Lada 2007; Enoch et al. 2008; Simpson, Nutter
& Ward-Thompson 2008; Rathborne et al. 2009; Ko¨nyves
et al. 2010) have shown that the core mass function (CMF),
is similar in shape to the IMF, but shifted upwards in mass
by a factor of 3 to 5. From this it is commonly inferred that
the shape of the IMF is directly inherited from the CMF,
i.e. each core collapses and converts roughly the same frac-
tion of its mass into the same number of protostars. Holman
et al. (2013) have shown that this is only compatible with
the observed stellar multiplicity statistics if a typical core
spawns 4 or 5 stars.
The L1688 cloud (hereafter Ophiuchus) is a region
where stars are forming in cores. Observations of Ophiuchus
by Motte, Andre & Neri (1998) and Andre´ et al. (2007)
(hereafter MAN98 and ABMP07) show that the cores are
well separated and unlikely to interact dynamically with one
another before they collapse. In this paper we use SPH to
simulate star formation in these cores, using initial condi-
tions informed as closely as possible by the MAN98 and
ABMP07 observations. A limitation of our approach is that
cores tend to be embedded in larger scale clumps and fil-
aments, and material that would accrete onto the cores as
they collapse is not included in the simulations.
Deriving reliable initial conditions for simulations of
core collapse is a difficult inverse problem. Core masses can
be estimated in a relatively straightforward way from ob-
served submillimetre continuum fluxes. However, the intrin-
sic three-dimensional sizes and shapes of cores can only be
constrained by fitting the parameters of a credible model to
observed data (see Lomax, Whitworth & Cartwright 2013,
hereafter LWC13). The detailed three-dimensional motions
within cores are even less well constrained by observations
of radial velocity profiles. A key element of this paper is to
generate an ensemble of cores which, in a statistical sense,
resemble those observed in Ophiuchus.
In Section 2 we review the data used to constrain the
distribution of core masses, sizes and velocity dispersions in
Ophiuchus. We use these data to calibrate a multivariate
lognormal distribution from which we can draw representa-
tive core masses, sizes and velocity dispersions. In Section 3
we describe how we set up the initial conditions for a core;
this includes assigning an ellipsoidal shape to the core and
giving it a velocity field and a density profile. In Section
4 we outline the SPH code used. For each core, we perform
simulations with no radiative feedback, continuous radiative
feedback, and episodic radiative feedback. In Section 5 we
present the results of the simulations and in Section 6 we
discuss and summarise the results.
2 OBSERVATIONS
Ophiuchus is a star forming region ∼ 140 pc away from the
Sun (Mamajek 2008). It has been well observed in the mil-
limetre and submillimetre continuum (e.g. Motte, Andre &
Neri 1998; Stanke et al. 2006; Simpson, Nutter & Ward-
Thompson 2008), which traces the column density of dust,
and allows observers to estimate the masses and sizes of
cores. Lada (1999) calculates that Ophiuchus has total mass
Moph∼1 to 2×103M and diameter Doph∼1pc. The cores in
Ophiuchus are grouped into clumps1, labelled Oph-A, Oph-
B1, Oph-B2, Oph-C, Oph-D, Oph-E and Oph-F.
We base the initial conditions for our simulations on
the observations of MAN98 and ABMP07. MAN98 present
continuum observations of cores with a completeness limit
of ∼ 0.1 M. These data are complemented by observa-
tions of core velocity dispersions in Ophiuchus by ABMP07.
There are more recent measurements of core masses and
sizes in Ophiuchus (e.g. Stanke et al. 2006; Simpson, Nut-
ter & Ward-Thompson 2008), but they contain fewer cores
with an associated ABMP07 velocity dispersion than the
MAN98 data. Further details of the MAN98 and ABMP07
observations are given in the next two sections.
2.1 MAN98
MAN98 map dust emission at 1.3 mm using the MPIfR
bolometer array on the IRAM 30 m telescope. The beam size
is 11′′, corresponding to 1500 AU at Ophiuchus, and they
are sensitive to hydrogen column-densities N>1022 H cm−2.
Their map covers an area of ∼480 arcmin2 and includes the
Oph-A, Oph-B1, Oph-B2, Oph-C, Oph-D, Oph-E and Oph-
F clumps. MAN98 use a multi-scale wavelet analysis to ex-
tract 61 cores, 36 of which are resolved. Two dimensional
Gaussian distributions are fitted to the cores and the core
dimensions are given by the FWHM of the major and minor
axes. The cores have masses between ∼0.1 M and ∼3 M ,
and dimensions between ∼1000 AU and ∼20, 000 AU.
The core masses and sizes used in this paper are slightly
different from those given in MAN98. The mass of a prestel-
lar core is calculated using
Mcore =
S(λ)D2
κ(λ)B(λ, T )
, (2.1)
where S(λ) is the monochromatic flux from the core at wave-
length λ, D is the distance to the core, κ(λ) is the mass opac-
ity, and B(λ, T ) is the Planck function at temperature T .
For λ = 1.3 mm, MAN98 adopt κ(1.3 mm) = 0.005 cm2 g−1.
The dust temperature estimates used by MAN98 have
been revised by Stamatellos, Whitworth & Ward-Thompson
(2007). These temperatures, Tman98 and Tsww07 are given
in Table 1. The distance to Ophiuchus used by MAN98,
Dman98 = 160 pc, has also been revised, by Mamajek (2008),
to Dm08 = 139 ± 6 pc. To account for this, each mass given
by MAN98 must be transformed thus:
Mman98 → B(1.3 mm, Tman98)D
2
m08
B(1.3 mm, Tsww07)D2man98
Mman98 , (2.2)
Similarly, each size must be transformed thus:
Rman98 → Dm08
Dman98
Rman98 . (2.3)
The dust temperatures Tsww07 are cooler than Tman98, which
increases the estimated core masses. However, the revised
distance Dm08 is less than Dman98, which decreases the core
masses. The combined effect modestly increases the masses
of cores in Oph-A, Oph-E and Oph-F, whilst leaving the
1 MAN98 refer to these groups as “cores”, and to the smaller
denser condensations within them as “clumps”. We have adopted
the now near-universal opposite convention that the small dense
condensations are cores, and they are grouped in clumps.
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Region Tman98 Tsww07 ×Mman98
(K) (K)
Oph-A 20 11 1.77
Oph-B 12 10 1.01
Oph-C 12 10 1.01
Oph-D 12 10 1.01
Oph-E 15 10 1.40
Oph-F 15 10 1.40
Oph-J - 10 -
Table 1. Dust temperatures from MAN98 and SWW07. The
fourth column gives the correction factor applied to the MAN98
core masses when we adopt T = Tsww07 and D = 139 pc.
masses of cores in Oph-B, Oph-C and Oph-D essentially
unchanged (see Table 1).
After these adjustments have been made, the MAN98
CMF peaks at MPEAK ∼ 0.3 M . This is lower than the
values found for the Ophiuchus cores by other groups, i.e.
MPEAK ∼ 0.9 M (Stanke et al. 2006) and MPEAK ∼ 0.4 M
(Simpson, Nutter & Ward-Thompson 2008). The differences
in MPEAK must be attributed to a combination of the differ-
ent wavelengths used; the different assumptions made about
dust opacities, dust temperatures, and source distances; and
the different procedures used to identify cores, distinguish
them from the background, and correct for incompleteness
at low masses and poor statistics at high masses. We also
note that studies of other star formation regions, e.g. Perseus
(Enoch et al. 2008), the Pipe Nebula (Rathborne et al. 2009)
and Aquilla (Ko¨nyves et al. 2010) find CMFs with MPEAK
between ∼ 0.6 M and ∼ 1.0 M . We have therefore dou-
bled the MAN98 masses, so that the peak of the CMF is
at MPEAK ∼ 0.6 M , i.e. between the Stanke et al. (2006)
and Simpson, Nutter & Ward-Thompson (2008) values, and
within the range found for other star formation regions.
2.2 ABMP07
ABMP07 measure the width of the N2H
+(1–0) emission line
from 27 prestellar cores in Ophiuchus. Of these 27 cores,
26 have mass estimates from MAN98. The line width gives
the radial velocity dispersion, σ1d, of the N2H
+ molecules
in the core. In general there are thermal and non-thermal
contributions to the line width, σ21d = σ
2
t +σ
2
nt. The thermal
contribution is given by
σ2t =
kbT
mmol
, (2.4)
where mmol = 4.8×10−23 g is the mass of an N2H+ molecule.
The non-thermal contribution,
σnt =
(
σ21d − kbTsww07
mmol
)1/2
, (2.5)
gives the magnitude of macroscopic gas motions, i.e. turbu-
lence, rotation and contraction or expansion. Since we are
adopting the reduced temperatures from SWW07, we de-
rive somewhat higher values of σnt than ABMP07, between
∼0.05 km s−1 and ∼0.3 km s−1.
ABMP07 also measure the bulk radial velocities of cores
in Ophiuchus. From the dispersion in the bulk radial veloc-
ities of the cores within a clump, they estimate that, on
average, a core should collide with another core after a few
times 105 yrs. In contrast, the individual cores (see Section
2.3 below, and Table 3 in online material) have freefall times
tFF ∼ 4+4−2 × 104 yrs. Thus, whereas interactions between
cores may have been important in delivering the distribution
of core properties we observe today, the future evolution of
these cores should not be much influenced by interactions.
This conclusion is born out in our simulations, where the
first protostar usually forms after about one freefall time,
and any subsequent star formation tends to be concentrated
in the vicinity of this protostar. As a further precaution, we
terminate the simulations after 2× 105 yrs.
Treating individual cores in isolation allows us to per-
form simulations with sufficiently high resolution to capture
the formation of protostars close to the opacity limit, and
to perform many realisations, but it deprives us of the pos-
sibility of considering the effects of – for example – accre-
tion flows and tidal perturbations from the surroundings. A
large-scale simulation treating the whole of Ophiuchus with
the same resolution is currently beyond our computational
resources, but it should be feasible to simulate a whole clump
(e.g. Oph-A).
2.3 Lognormal distribution
Together, MAN98 and ABMP07 provide 61 core masses,
36 mean core radii and 27 core velocity dispersions; 20
cores have all three. We use these data to calibrate a multi-
variate lognormal distribution of core properties. To within
the errors of small number statistics, and modulo the as-
sumption of a lognormal distribution, this reproduces sta-
tistically the observed properties of cores in Ophiuchus,
and their correlations. Specifically, we draw values of x ≡
(log(M), log(R), log(σnt)) from a probability density
P (x) =
1
(2pi)3/2|Σ| exp
(
−1
2
(x− µ)TΣ−1(x− µ)
)
,
(2.6)
where
µ ≡
µMµR
µc
 , (2.7)
and
Σ ≡
 σ2M ρM,R σMσR ρM,σnt σMσσntρM,R σMσR σ2R ρR,σnt σRσσnt
ρM,σnt σMσσnt ρR,σnt σRσσnt σ
2
σnt
 .
(2.8)
Here µx is the arithmetic mean of log(x), σx is the standard
deviation of log(x) and ρx,y is the Pearson’s correlation co-
efficient of log(x) and log(y). The values of these terms are
given in Table 2 . Fig. 1 shows the probability density func-
tion P (x) projected through all three of its dimensions. Su-
perimposed are the observational data points and 100 data
points drawn randomly from the distribution.
3 INITIAL CONDITIONS
While the mass, size and velocity dispersion of a core are
relatively easy to quantify from observations, the same can-
not be said for the intrinsic three-dimensional shape, den-
sity profile and internal velocity field. Here we define the
methodology we adopt for assigning these properties.
c© 2013 RAS, MNRAS 000, 1–??
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Figure 1. The multivariate lognormal distribution, P (x) where x = (log(M), log(R), log(σnt)). (a) shows the projections through
log(σnt); (b) through log(M); and (c) through log(R). The concentric ellipses show the 1σ, 2σ and 3σ regions of the distribution.
The green circles are randomly drawn points from P (x). The red squares are the observational data from MAN98 and ABMP07. Because
there is a limted number of cases for which more than one of these parameters is known, the distribution of obervational points is shifted
relative to the fitted distribution.
Parameter Value
µM [log(M/M)] -0.57
µR [log(R/AU)] 3.11
µσnt [log(σnt/km s
−1)] -0.95
σM [log(M/M)] 0.43
σR [log(R/AU)] 0.27
σσnt [log(σnt/km s
−1)] 0.20
ρM,R 0.61
ρM,σnt 0.49
ρR,σnt 0.11
Table 2. Arithmetic means, standard deviations and correlation
coefficients of log(M), log(R) and log(σnt) for cores in Ophiuchus
3.1 Shapes
In projection, the cores in Ophiuchus have irregular, and of-
ten elongated, shapes, which show no significant correlation
with mass, size or velocity dispersion. LWC13 show that, if
one assumes the intrinsic three-dimensional shape of a core
is a randomly oriented triaxial ellipsoid, the observed aspect
ratios can be fitted with a one parameter model. Specifically,
the relative sizes of the principal axes of the ellipsoid can be
generated with
A = 1 ,
B = exp(τGb) ,
C = exp(τGc) ,
(3.1)
where Gb and Gc are random numbers drawn from a Gaus-
sian distribution with zero mean and unit standard devia-
tion. For Ophiuchus, a good fit is obtained with τ=0.6, and
improvements to the fit obtained by introducing additional
parameters do not appear to be justified (LWC13). Once
the axes have been generated using Eqn. (3.1), they are re-
ordered so that A ≥ B ≥ C and normalised so that A = 1.
Then, given a mean radius R from the distribution in Eqn.
(2.6), the core axes are set to
Acore =
R
(BC)
1
3
,
Bcore =BAcore ,
Ccore =CAcore .
(3.2)
c© 2013 RAS, MNRAS 000, 1–??
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3.2 Density profile
Observations suggest (e.g. Alves, Lada & Lada 2001; Harvey
et al. 2001; Lada et al. 2008) that dense cores often approxi-
mate to the density profile of a critical Bonnor-Ebert Sphere
(Bonnor 1956), i.e. ρ = ρCe
−ψ(ξ), where ρC is the central
density, ψ is the Isothermal Function, ξ is the dimensionless
radius, and the boundary is at ξB = 6.451. The FWHM of
the column-density through a critical Bonnor-Ebert Sphere
corresponds to ξFWHM = 2.424, so the density at (x, y, z) is
given by
ξ = ξFWHM
(
x2
A2core
+
y2
B2core
+
z2
C2core
)1/2
, (3.3)
ρ =
McoreξBe
−ψ(ξ)
4piAcoreBcoreCcoreψ′(ξB)
, ξ < ξB , (3.4)
where ψ′ is the first derivative of ψ.
Using this density profile implies that the cores are in
hydrostatic equilibrium, contained by an external pressure.
For the simulated cores is this paper, this is generally not
the case. However, the density profile does reproduce the flat
central region and power-law envelope that is often observed
in cores (e.g. Kirk, Ward-Thompson & Andre´ 2005; Roy
et al. 2013).
3.3 Velocity fields
Spectroscopic observations of prestellar cores indicate that
their velocity fields may contain ordered rotation (e.g. Good-
man et al. 1993), ordered inward and/or outward motion
(e.g. Keto et al. 2006) and random turbulence (e.g. Dubin-
ski, Narayan & Phillips 1995). If the corresponding contri-
butions to the radial velocity dispersion are σrot, σrad and
σturb, the total is given by
σ2nt = σ
2
rot + σ
2
rad + σ
2
turb . (3.5)
For the simplest case of a spherically symmetric core ro-
tating about an axis perpendicular to the line of sight, it
requires two parameters to specify the relative contribu-
tions to σnt from rotation, isotropic pulsation and isotropic
turbulence. An additional parameter is required if the ro-
tation axis is not perpendicular to the line of sight. The
problem becomes even more complicated if the core is ellip-
soidal, since the pulsations and turbulence are then unlikely
to be isotropic; for example, contraction is likely to be fastest
along the shortest axis (Lin, Mestel & Shu 1965). We have
no way of estimating specific values for any of these pa-
rameters. To overcome this problem, we generate a random
turbulent velocity field, characterised only by the power ex-
ponent (we adopt α= 2; cf. Burkert & Bodenheimer 2000)
and the ratio of compressive to solenoidal modes (we adopt
the thermal ratio, i.e. M = 1/2), but shift the centre of the
core so that it is at the centre of the largest mode; the energy
in the largest mode is then invested in ordered rotation and
compression, whilst the rest is in smaller-scale turbulence.
3.3.1 Turbulent motions
To construct a dimensionless turbulent velocity field, we
work in a (2pi)3 cubic domain, and populate all modes
for which the wave-vector, k has integer components,
(kx, ky, kz), in the range 0 to 64. For a power spectrum
Pk ∝ k−α the energy density in k-space is Ek ∝ k−(α+2).
Hence, with α = 2, Ek ∝ k−4 and the energy is strongly
concentrated towards low spatial frequencies (i.e. long wave-
lengths). The amplitude, a, and phase, ϕ, of each individual
mode, k, are set by generating a vector G of three random
numbers drawn from a Gaussian distribution having zero
mean and unit variance, and a vector R of three random
numbers drawn from a uniform distribution between zero
and one. Then we put
a(k) =
√
E(k)G , (3.6)
ϕ(k) = 2piR , (3.7)
The corresponding contribution to the dimensionless veloc-
ity field is given by
vˆ(k) = a(k) cos(ϕ(k)) + ia(k) sin(ϕ(k)) , (3.8)
v(x) =
1
(2pi)2
Re
(∫
vˆ(k)eikx d3k
)
; (3.9)
Eqn. (3.9) is evaluated numerically using the fast Fourier
transform library FFTW (Frigo & Johnson 2005) to produce
values of the velocity field on a 1283 grid.
3.3.2 Ordered motions
We introduce large scale rotation and radial motion
into the velocity field by simply modifying the phases
and symmetries of the k = 1 modes, i.e. k =
(1, 0, 0), (0, 1, 0) and (0, 0, 1). Specifically, we require thata(1, 0, 0)a(0, 1, 0)
a(0, 0, 1)
 =
 rx ωz −ωy−ωz ry ωx
ωy −ωx rz
 ,
ϕ(1, 0, 0)ϕ(0, 1, 0)
ϕ(0, 0, 1)
 =
pi/2 pi/2 pi/2pi/2 pi/2 pi/2
pi/2 pi/2 pi/2
 .
(3.10)
Here (rx, ry, rz) are radial velocity amplitudes and
(ωx, ωy, ωz) are rotational velocity amplitudes; the diame-
ter of the core is scaled to pi, so that it corresponds to the
central half wavelength of these modified modes. The out-
come of applying this modification is shown in Fig. 2 .
The radial velocity amplitudes are proportional to the
rates at which the core expands along the corresponding
axis. For example, if rx < 1, then the core is contracting
along the x-axis, and if rx > 1, the core is expanding along
the x-axis. On the assumption that the core is contracting
fastest along its shortest axis, and slowest along its longest
axis, we re-order the amplitudes so that rx ≤ ry ≤ rz, and
orient the core so that its ellipsoidal axes, A ≥ B ≥ C, are
respectively aligned with the x, y and z axes. The rotational
amplitudes define the angular velocity ω = (ωx, ωy, ωz), giv-
ing the axis and rate of core rotation; the axis of rotation
has a random direction. The values of rx, ry, rz, ωx, ωy
and ωz are independently drawn from a Gaussian distribu-
tion having zero mean and unit variance. This ensures that
the energy in these large-scale components of the velocity
field still subscribes to the same Pk ∝ k−2 power law as
the smaller-scale ones that deliver internal turbulence. We
stress that only the k=1 modes are modified. All modes with
k > 1 are generated as described in Section 3.3.1. Hence we
have a velocity field composed of ordered rotation, ordered
c© 2013 RAS, MNRAS 000, 1–??
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(a) (b) (c) (d)
Figure 2. 2D velocity fields generated in an analogous manner to the 3D velocity fields described in Section 3.3.1 and 3.3.2. All
four frames show the region −pi
2
≤ x ≤ pi
2
and −pi
2
≤ y ≤ pi
2
. From left to right: (a) a compressive velocity field with a(1, 0) = (−1, 0),
a(0, 1) = (0,−1), ϕ(1, 0) = (pi, 0) and ϕ(0, 1) = (0,pi); (b) a solenoidal velocity field with a(1, 0) = (0, 1), a(0, 1) = (−1, 0), ϕ(1, 0) = (0,pi)
and ϕ(0, 1) = (pi, 0); (c) a turbulent field with modes generated as described in Section 3.3.1, but without the k = 1 modes; (d) the
addition of all three fields giving a superposition of large-scale ordered motion and smaller turbulent modes.
radial motions and stochastic turbulent motions, and based
on just two parameters, α and M.
3.3.3 Interpolation
To compute the initial velocity of an SPH particle, i, we
assign it a position vector,
si =
pi
2
(
xi
Acore
,
yi
Bcore
,
zi
Ccore
)
, (3.11)
and estimate its dimensionless velocity by interpolation on
the grid of computed values. Finally the dimensionless veloc-
ities of the SPH particles are scaled so that their 1D velocity
dispersion matches a value of σnt drawn from Eqn. (2.6).
4 NUMERICAL METHOD
4.1 SPH code
We use the seren (Hubber et al. 2011) implementation
of grad-h SPH (Springel & Hernquist 2002; Price & Mon-
aghan 2004) with smoothing parameter η=1.2 (hence typi-
cally ∼ 56 neighbours). Gravity is calculated with a Barnes-
Hut tree and a gadget-style multipole acceptance crite-
rion (Springel & Hernquist 2002). The code invokes mul-
tiple particle timesteps and a leapfrog drift-kick-drift inte-
gration scheme. Time-dependent artificial viscosity is imple-
mented using the Morris & Monaghan (1997) formulation
with α = 1, αmin = 0.1 and β = 2α.
All simulations are set up with msph = 10
−5 M, so
the mass resolution is ∼ 10−3 M . A gas concentration
that is gravitationally bound and has density higher than
ρsink = 10
−9 g cm−3 is replaced with a sink particle (Bate,
Bonnell & Price 1995) having radius Rsink ≈ 0.2 AU. Any
SPH particles that subsequently enter this radius and are
gravitationally bound to the sink are assimilated by it. We
have not used the more sophisticated NewSinks method,
presented by Hubber, Walch & Whitworth (2013), however,
for this value of ρsink, the two methods are reasonably well
converged.
Heating and cooling of the gas are treated with the
scheme described in Stamatellos et al. (2007). This takes ac-
count of heating by cosmic rays and background radiation,
the transport of cooling radiation against dust opacity and
molecular opacity, the sublimation of dust, the ionisation
and dissociation of hydrogen and the ionisation of helium.
It has been extensively tested, and reproduces very accu-
rately the detailed results of Masunaga & Inutsuka (2000).
4.2 Accretion luminosity
The dominant contribution to the luminosity of a protostar
is from accretion,
L? ' fGM?M˙?
R?
, (4.1)
where, f = 0.75 is the fraction of the accreted material’s
gravitational energy that is radiated from the surface of the
protostar (the rest is presumed to be removed by radiation,
and by bipolar jets and outflows; Offner et al. 2009); M? is
the mass of the protostar; M˙? is the rate of accretion onto
the protostar; and R? = 3 R is the approximate radius of
a protostar (Palla & Stahler 1993).
In the sequel, each set of initial conditions is used to
run three simulations. In the first, radiative feedback from
sinks is neglected (NRF). In the second, material assimilated
by a sink is presumed to be accreted instantaneously by the
central protostar, and therefore delivers continuous radia-
tive feedback (CRF). In the third, material assimilated by a
sink is assumed to accumulate in an inner accretion disc, and
then accrete onto the central star in a burst, giving episodic
radiative feedback (ERF). The NRF simulations are performed
purely for comparison, and our main concern is with the dif-
ference between continuous and episodic radiative feedback.
In order for the disc around a protostar to fragment
gravitationally, at radius R, two criteria must be fulfilled.
First, gravity must be able to overcome thermal and cen-
trifugal support,
Σ(R) >∼
c(R)κ(R)
piG
, (4.2)
where Σ(R) is the local surface-density, c(R) the sound
speed, and κ(R) the epicyclic frequency; (Toomre 1964). Sec-
ond, the condensing fragment must cool fast enough to avoid
undergoing an adiabatic bounce and then being sheared
apart, i.e.
tcool <∼ torb , (4.3)
c© 2013 RAS, MNRAS 000, 1–??
Simulating star formation in Ophiuchus 7
where tcool is the gas cooling time, and torb is the orbital
period (Gammie 2001). Simulations that include instanta-
neous accretion and continuous radiative feedback (e.g. Bate
2009b; Krumholz 2006; Krumholz et al. 2010; Offner et al.
2009, 2010; Urban, Martel & Evans 2010) find that proto-
stellar discs are so warm that they cannot fragment and
therefore do not spawn low-mass H-burning stars or brown
dwarfs.
However, there is observational evidence suggesting
that accretion onto a protostar may sometimes be episodic,
i.e. it may occur intermittently, in short, intense bursts
(e.g. Herbig 1977; Dopita 1978; Reipurth 1989; Hartmann
& Kenyon 1996; Greene, Aspin & Reipurth 2008). In par-
ticular, FU Ori-type stars (e.g. Herbig 1977; Greene, Aspin
& Reipurth 2008; Peneva et al. 2010; Green et al. 2011;
Principe et al. 2013) exhibit large increases in their bright-
ness that last for between a few and a few hundred years.
The physical cause of episodic accretion is uncertain. The
critical issue is the duty-cycle, specifically the duration of
the low-luminosity phase: if this is longer than the cooling
timescale, typically a few times 103 yrs, the disc can cool
and fragment.
For the purpose of the simulations presented here
we adopt the phenomenological ERF model of Stamatel-
los, Whitworth & Hubber (2011, 2012) (hereafter SWH11),
which is based on the calculations by Zhu, Hartmann &
Gammie (2009, 2010) and Zhu et al. (2010). In the outer
disc (outiside the sink), angular momentum is redistributed
by gravitational torques, allowing material to spiral inwards
and into the sink. However, inside the sink the material near
the protostar is so hot that the inner disc becomes gravita-
tionally stable, and there are no gravitational torques to
transport angular momentum outwards. Consequently this
material cannot spiral inwards any further, and instead ac-
cumulates in the inner disc. This continues until the accumu-
lated material becomes so hot that it is ionised thermally,
sufficiently to couple to the magnetic field. The magneto-
rotational instability (MRI) then cuts in and the resulting
torques enable material to spiral inwards and onto the star,
giving a short burst of very high luminosity. The downtime
– during which material is accumulating in the inner disc,
the luminosity is low, and the outer disc may be able to
fragment – is given by
tdown ∼ 13 kyr
(
M?
0.2 M
)2/3(
M˙sink
10−5 Myr−1
)−8/9
; (4.4)
M˙sink is the rate at which material flows into the sink.
5 RESULTS
Each core is evolved for 2×105 yrs , which is longer than the
freefall time of the least-dense core. Of the 100 cores sam-
pled from the lognormal distribution, 60 collapsed to form
at least one star; note that the simulations with different
feedback are identical up until this point. The star forma-
tion efficiencies and numbers of protostars formed per core
are given in Table 3 in the online material. In the figures we
use the naming convention NUM FBK, where NUM is the core
number (identifying the initial conditions) and FBK is the
feedback type.
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Figure 3. Protostar mass functions. The top three frames (a,b,c)
give the mass functions from simulations with, respectively, NRF,
ERF and CRF. The black histograms have bins equally spaced in
log(M) and the red lines are kernel smoothed density functions.
The bottom frame (d) shows the smoothed NRF, ERF and CRF
density functions on a single plot.
5.1 Protostellar masses
Fig. 3 shows, as histograms and smoothed probability densi-
ties2, the protostellar mass functions from the simulations.
Both the NRF and ERF simulations deliver a wide range of
masses from a few Jupiter masses to between one and two
solar masses. The CRF simulations deliver roughly the same
upper mass limit, but no protostars below about 50 Jupiter
masses. In the NRF simulations, the mean efficiency (total
mass of stars formed divided by core mass) is 71%, with on
average 3.3 stars and 3.4 brown dwarfs per core. In the ERF
simulations, the efficiency is again 71%, with on average 3.1
stars and 1.5 brown dwarfs per core. In the CRF simulations,
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the efficiency is 59%, with on average 1.6 stars and 0.1 brown
dwarfs per core.
Ratio of stars to brown dwarfs
Andersen et al. (2008) have performed a survey of star form-
ing regions and find that low mass stars outnumber brown
dwarfs by a factor
A = N(0.08 M < M ≤ 1.0 M)
N(0.03 M < M ≤ 0.08 M) = 4.3± 1.6 . (5.3)
In the simulations presented here, Anrf = 2.2± 0.3, Aerf =
3.9±0.6 and Acrf = 17±8. This confirms that NRF produces
too many brown dwarfs, and suggests that CRF produces too
few. ERF appears to produce about the right number.
Comparison to the IMF
In Fig. 4, we have plotted the mass distributions from Fig. 3
with the Kroupa (2001; K01) and Chabrier (2005; C05) fits
to the IMF. The K01 IMF peaks at MK01peak = 0.08 M, and
the C05 IMF at MC05peak = 0.2 M. In the simulations with
NRF, ERF and CRF, the mass distributions peak at Mnrfpeak ≈
0.1 M, Merfpeak ≈ 0.2 M and Mcrfpeak ≈ 0.4 M, respectively.
The peaks of the NRF and ERF mass distributions are in good
agreement with those of K01 and C05 respectively; the peak
of the CRF mass distribution appears to be rather too high.
There are no high-mass cores in Ophiuchus, and therefore
none of the simulated IMFs match the observed IMFs at
high masses.
Summary: masses
For masses less than ∼ 1 M, the ERF simulations deliver
a protostellar mass function which is compatible with ob-
served IMFs. In contrast, the CRF simulations appear to pro-
duce too few low-mass H-burning stars and brown dwarfs. In
the ERF simulations each core produces on average NERF ≈
4.6 stars with a star formation efficiency of ηERF ≈ 0.7.
This is in agreement with the statistical inference of Holman
et al. (2013) that values of N = 4.3± 0.4 and η = 1.0± 0.3
are required to reproduce the observed multiplicity statis-
tics (η > 1 simply implies that the cores accrete additional
mass as they form stars). In the CRF simulations the number
of stars formed is significantly lower, NCRF = 1.7, and the
efficiency is a little lower, ηCRF = 0.59.
2 The smoothed probability density is given by
P (log(M)) =
1
N
N∑
i=1
1√
2pih2
exp
(
− (log(M)− log(Mi))
2
2h2
)
.
(5.1)
In the expectation that P (log(M)) is roughly lognormal, we set
h =
(
4σˆ5
3N
) 1
5
(5.2)
where σˆ is the standard deviation of log(M) (Silverman 1998).
This is a useful method of extracting from noisy histograms large
scale features that are otherwise hard to see.
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Figure 4. As Fig. 3, but here the simulated protostellar mass
functions (in black) are compared with the K01 and C05 IMFs
(in red and blue respectively). The three frames show protostellar
mass function for simulations with (a) NRF, (b) ERF, and (c) CRF.
The dashed parts of the K01 and C05 IMFs are in the stellar mass
regime (M ≥ 0.08 M) and the dotted parts are in the brown
dwarf mass regime (M < 0.08 M), which is not as well con-
strained as the stellar regime. All mass functions are normalised
so that
∫+∞
−∞ P (log(M)) d log(M) = 1.
5.2 Fragmentation
Mechanisms
In many simulations, the core collapses to form a central
protostar surrounded by an accretion disc. If the disc is suf-
ficiently massive and cold, it fragments to form additional
protostars, typically with masses smaller than the central
protostar. An example of this is shown in Fig. 5. We see that
the time scale of disc fragmentation is of order 103 yrs. This
mechanism is well documented (e.g. Stamatellos, Hubber &
Whitworth 2007; Stamatellos & Whitworth 2008, 2009a,b;
Thies et al. 2010; Stamatellos et al. 2011) and has been
shown to reproduce the observed properties of stars and
brown dwarfs rather well (e.g. Stamatellos & Whitworth
2009a).
In most simulations the central regions are fed by fila-
mentary streams of material, and in some cases these fila-
ments fragment before a central protostar forms; this also
occurs on time scales of order 103 yrs. An example of this
is shown in Fig. 6. This core has a relatively high mass
(M = 3.3 M) and a low ratio of turbulent to gravitational
energy (αturb = 0.07). The core collapses into a filament be-
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Figure 5. Column density plots from simulation 002 ERF show-
ing disc fragmentation. From left to right, then top to bottom,
the times are t = 17, 18, 19 and 20 kyr. This core fragments into
three stars and three brown dwarfs. This figure and subsequent
simulation snapshots are rendered using Splash (Price 2007).
Figure 6. Column density plots from simulation 098 ERF showing
the filament fragmentation. From top to bottom, the times are
t = 19, 23, 27 and 36 kyrs. This core fragments into eight stars
and two brown dwarfs.
cause it is particularly elongated, with its longest axis more
than twice the length of the other two. The filament then
spawns ten protostars. This confirms the results of Goodwin,
Whitworth & Ward-Thompson (2004), who showed that low
levels of turbulence are sufficient to fragment spherical cores.
Feedback effects
Fig. 7 shows a comparison of column density plots from sim-
ulations using different feedback mechanisms. There are two
main differences between the protostellar mass distributions
from the NRF and ERF simulations. First, the main peak shifts
from ∼0.1M in the NRF simulations, to ∼0.2M in the ERF
Figure 7. Column density plots from the 022 XXX simulations.
The left-hand column gives snapshots from 022 NRF, the middle
column from 022 ERF, and the right-hand column from 022 CRF.
From top to bottom, the times are t = 15, 18 and 23 kyr. 022 NRF
forms four stars and nine brown dwarfs, 022 ERF forms four stars,
and 022 CRF forms a single star.
simulations. Second, in the NRF simulations there is a sec-
ond peak around ∼ 0.01M. The main peaks are populated
by protostars that form from core collapse. The secondary
peak in the NRF simulations arises from prolific disc frag-
mentation. This produces an abundance of low mass objects,
many of which are ejected from the core (e.g. Bate, Bonnell
& Bromm 2002). Once ejected, accretion ceases and their
masses are frozen at low values.
In the ERF simulations, high-luminosity outbursts peri-
odically raise the temperature of the gas surrounding a pro-
tostar, stabilising it against gravitational fragmentation. Ini-
tially, these outbursts occur at intervals of ∆tdown ∼ 104 yrs,
whereas gravitational instabilities develop on times scales of
∆tgi ∼ 103 yrs; therefore there are windows of opportunity
for fragmentation between outbursts. However, as further
protostars form, the intervals between outbursts decrease
until eventually ∆tdown<∼∆tgi. Thereafter, further star for-
mation is inhibited by regular luminosity outbursts. Thus
ERF allows fragmentation to occur, but then regulates the
process after a few protostars have formed. Because fewer
low-mass protostars are formed, there are fewer dynamical
ejections, and more mass is available to accrete onto the cen-
tral protostar (cf. Girichidis et al. 2012), so the main peak
is enhanced and the secondary peak is removed.
In the CRF simulations, once the first protostar has
formed, the remaining gas is continuously heated and very
little further fragmentation occurs, so these simulations usu-
ally form single protostars or binaries. Fig. 7 shows an exam-
ple of a core evolving with NRF, ERF and CRF; the usual trend
is that the most protostars are formed with NRF, followed by
ERF, then CRF.
Number of objects formed
Fig. 8 shows that the number of protostars formed per
core is correlated with the core mass. Cores with masses
c© 2013 RAS, MNRAS 000, 1–??
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Figure 8. The number of protostars formed per core as a func-
tion of core mass. Error bars reflect the Poisson uncertainties in
the numbers of cores and sinks, per bin. From top to bottom,
simulations invoking (a) NRF, (b) ERF and (c) CRF.
between 0.1 M and 0.3 M typically form single proto-
stars, whereas cores with masses between 3 M and 10 M
typically produce more than ten protostars with ERF, and
about five with CRF. For convenience, we will refer to cores
with Mcore ≤ 1 M as low-mass cores, and cores with
Mcore > 1 M as high-mass cores.
Fig. 9 shows the distribution of protostar masses as a
function of core mass. In the NRF and ERF simulations, the
arithmetic mean mass is roughly constant over the entire
range of core masses, viz. M¯nrf? = 0.12 M and M¯
erf
? =
0.19 M. Also shown on Fig. 9 is the geometric mean of the
protostar masses and its standard deviation. This shows that
high-mass cores form a wider range of masses than low-mass
cores. In low-mass cores, there is little spread in the proto-
star masses because most of the available gas goes into the
central protostar. A disc may form, but it is often not mas-
sive enough to fragment. High-mass cores have sufficient gas
to form more massive protostars, and there is often enough
gas remaining to build a massive disc, which can then frag-
ment into low-mass protostars. Final masses are determined
by competitive accretion for the remaing core mass.
In simulations with CRF, low-mass cores tend to form
single protostars, and high-mass cores tend to form multiple
protostars, but in smaller numbers than with ERF.
-2.0
-1.5
-1.0
-0.5
0.0
lo
g
(M
?
/
M
)
(a)
-2.0
-1.5
-1.0
-0.5
lo
g
(M
?
/
M
)
(b)
-2.0
-1.5
-1.0
-0.5
-1.0 -0.5 0.0 0.5 1.0
lo
g
(M
?
/
M
)
log(MCORE/M)
(c)
NRF
ERF
CRF
Figure 9. The distribution of protostar masses as a function
of core mass. The solid line gives the geometric mean mass and
standard error. The shaded area shows the geometric standard
deviation. The dashed line gives the arithmetic mean protostar
mass. From top to bottom, simulations invoking (a) NRF, (b) ERF
and (c) CRF.
Fragmentation: summary
As noted by Stamatellos, Whitworth & Hubber (2012), ERF
provides a window of opportunity for disc fragmentation. As
further protostars form, they too radiate and the window
eventually becomes too short to allow fragmentation. This
means that, unlike CRF, ERF permits brown dwarfs to form by
disc fragmentation, but, unlike NRF, brown dwarf formation
is regulated to a level that agrees better with observation.
Irrespective of the type of feedback invoked, these simu-
lations do not support the notion that the shape of the IMF
is inherited from the shape of the CMF. The mean mass
of a protostar formed in a low-mass core is approximately
the same as one formed in a high-mass core. The difference
is that high-mass cores tend to produce more protostars,
roughly in proportion to their mass.
Competitive accretion occurs in our simulations, but
only on the scale of individual cores having sufficient mass
(MCORE>M) to form multiple protostars.
5.3 Limitations
Since the most massive core in Ophiuchus has mass ∼ 5 M
(and the next most massive ∼ 3 M), and since we evolve
our cores in isolation (i.e. they do not accrete extra mate-
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rial from their surroundings), we do not reproduce the high-
mass tails of the K01 or C05 IMFs, irrespective of which
feedback prescription is invoked. If core growth were in-
cluded, say by virtue of the cores being embedded in fila-
ments, we would expect the rate of growth to be quite low,
M˙CORE <∼MCORE/tFF . Under this circumstance the inflow-
ing material is unlikely to spawn new protostars; instead it
will sustain the reservoir of gas in the centre of the core,
thereby prolonging competitive accretion. Consequently the
more massive protostars will be the major beneficiaries, and
the IMF will broaden towards higher masses.
6 SUMMARY AND CONCLUSIONS
We have performed a large ensemble of simulations of
prestellar cores collapsing and fragmenting to form proto-
stars. The initial conditions are informed by observations of
cores in Ophiuchus, and reproduce the observed distribu-
tions of mass, size, aspect ratio and velocity dispersion. The
mass resolution is high enough to resolve the opacity limit,
Mo ∼ 3× 10−3 M, with ∼300 SPH particles.
Simulations that invoke continuous radiative feedback
produce an IMF that peaks at too high a mass (∼ 0.4 M)
and contains very few brown dwarfs. Simulations that invoke
episodic radiative feedback produce an IMF that peaks at
the right mass (∼ 0.2 M) and contains roughly the correct
proportion of brown dwarfs.
The masses of the protostars are not strongly corre-
lated with the masses of the cores in which they form – and
therefore the shape of the IMF is not inherited from the
shape of the CMF. Rather, low-mass cores (MCORE < M)
tend to spawn just one or two protostars. In contrast, high-
mass cores tend to spawn small-N clusters of stars, with
a mean mass that is comparable with the mean mass for
low-mass cores, but a greater spread of masses. This is be-
cause, in a high-mass core, (a) there is a greater chance that
the first protostar to form then acquires a massive disc that
fragments to form low-mass companions, and (b) there is a
larger flow of material into the center, and so the protostars
there can grow via competitive accretion.
In a companion paper (Lomax et al. in preparation) we
will present and evaluate the multiplicity statistics of the
protostars formed in these simulations.
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ONLINE MATERIAL
Table 3: Initial conditions and results of simulations. Column 1 gives the core number; column 2 gives the total mass of the
core, column 3 gives the one-dimensional non-thermal velocity dispersion assigned to the core; column 4 gives the effective
radius of the core where Rcore = (AcoreBcoreCcore)
1
3 and Acore, Bcore and Ccore are the semi-axes of the core; column 5 gives
the longest axis of the core; column 6 gives the intrinsic aspect ratio between the longest and intermediate axis of the core;
column 7 gives the intrinsic aspect ratio between the longest and shortest axis of the core; column 8 gives the average density
of the core; column 9 gives the notional free-fall time of the core where tff = (
3pi
32G ρ¯
)
1
2 ; columns 10, 11 and 12 give the total
sink mass, the number of stellar-mass protostars (i.e. M > 0.08 M) and the number of brown dwarf-mass protostars (i.e.
M ≤ 0.08 M) formed with no radiative feedback from protostars; columns 13, 14 and 15 give the same quantities when there
is episodic radiative feedback; columns 16, 17 and 18 give the quantities when there is continuous radiative feedback.
NRF ERF CRF
Core N Mcore σnt Rcore Acore B/A C/A ρ¯ tff
∑
M? N? Nbd
∑
M? N? Nbd
∑
M? N? Nbd
(M) (km s−1) (AU) (AU) (10−17 g cm−3) (Myr) (M) (M) (M)
1 0.478 0.066 2360 5045 0.333 0.308 0.516 0.029 0.331 1 2 0.283 1 0 0.285 1 0
2 0.809 0.135 2222 2722 0.906 0.601 1.045 0.021 0.766 3 10 0.597 3 3 0.563 1 0
3 1.881 0.122 6945 7728 0.947 0.766 0.080 0.075 1.709 4 3 1.393 5 3 1.223 1 0
4 0.096 0.172 2718 3887 0.657 0.520 0.068 0.081 0.000 0 0 0.000 0 0 0.000 0 0
5 0.169 0.090 2474 3961 0.538 0.453 0.159 0.053 0.000 0 0 0.000 0 0 0.000 0 0
6 0.110 0.069 2666 4320 0.508 0.463 0.082 0.073 0.000 0 0 0.000 0 0 0.000 0 0
7 1.425 0.179 8054 13833 0.525 0.376 0.039 0.107 0.000 0 0 0.000 0 0 0.000 0 0
8 2.999 0.098 13347 24006 0.586 0.294 0.018 0.157 1.190 6 4 0.923 5 4 1.015 6 0
9 0.540 0.132 3281 4193 0.864 0.554 0.217 0.045 0.171 1 0 0.174 1 0 0.171 1 0
10 2.358 0.176 3556 6121 0.508 0.386 0.744 0.024 2.142 5 8 2.145 2 1 1.437 1 0
11 1.307 0.160 3677 4087 0.917 0.794 0.373 0.034 1.198 7 3 1.207 8 1 1.156 4 0
12 0.164 0.110 1446 2581 0.510 0.345 0.769 0.024 0.000 0 0 0.000 0 0 0.000 0 0
13 0.088 0.023 1365 1611 0.975 0.625 0.492 0.030 0.000 0 0 0.000 0 0 0.000 0 0
14 1.532 0.268 4034 5119 0.948 0.516 0.331 0.037 0.953 4 4 0.871 4 2 0.889 3 1
15 1.160 0.203 8211 20024 0.306 0.225 0.030 0.122 0.000 0 0 0.000 0 0 0.000 0 0
16 1.606 0.140 6555 9715 0.629 0.488 0.081 0.074 1.074 6 3 1.103 5 2 0.589 1 0
17 0.330 0.063 3418 5890 0.566 0.345 0.117 0.062 0.000 0 0 0.000 0 0 0.000 0 0
18 0.368 0.127 2653 3084 0.811 0.785 0.279 0.040 0.201 1 0 0.197 1 0 0.194 1 0
19 0.230 0.092 859 915 0.930 0.892 5.137 0.009 0.212 1 0 0.211 1 0 0.203 1 0
20 0.889 0.085 2637 4919 0.704 0.219 0.687 0.025 0.789 4 1 0.779 3 0 0.629 1 0
21 3.020 0.271 2952 3839 0.943 0.482 1.665 0.016 2.836 5 4 2.909 9 10 1.947 1 0
22 0.951 0.125 2342 3427 0.737 0.433 1.049 0.021 0.858 4 9 0.849 4 0 0.535 1 0
23 1.427 0.072 2304 2551 0.865 0.852 1.655 0.016 1.404 1 3 1.321 1 0 1.331 1 0
24 0.231 0.185 1495 2676 0.729 0.239 0.979 0.021 0.000 0 0 0.000 0 0 0.000 0 0
25 0.104 0.118 557 1012 0.465 0.359 8.567 0.007 0.068 0 1 0.067 0 1 0.059 0 1
26 2.016 0.119 5326 9700 0.411 0.403 0.189 0.048 1.322 5 5 1.124 4 2 0.649 1 0
27 3.439 0.166 4715 8225 0.452 0.417 0.465 0.031 3.053 7 3 2.858 5 7 2.597 3 0
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Table 3: Initial conditions and results of simulations.
NRF ERF CRF
Core N Mcore σnt Rcore Acore B/A C/A ρ¯ tff
∑
M? N? Nbd
∑
M? N? Nbd
∑
M? N? Nbd
(M) (km s−1) (AU) (AU) (10−17 g cm−3) (Myr) (M) (M) (M)
28 1.137 0.061 9459 10348 0.899 0.850 0.019 0.152 0.000 0 0 0.000 0 0 0.000 0 0
29 1.763 0.187 1927 4687 0.506 0.137 3.496 0.011 1.622 3 13 1.679 5 0 1.483 3 0
30 0.176 0.090 1007 1089 0.913 0.867 2.438 0.013 0.000 0 0 0.000 0 0 0.000 0 0
31 0.767 0.087 3722 8278 0.307 0.296 0.211 0.046 0.531 3 0 0.508 3 2 0.389 1 0
32 0.202 0.044 4095 6312 0.961 0.284 0.042 0.103 0.000 0 0 0.000 0 0 0.000 0 0
33 0.189 0.084 2874 7390 0.292 0.202 0.113 0.063 0.000 0 0 0.000 0 0 0.000 0 0
34 0.278 0.067 864 1112 0.780 0.601 6.111 0.009 0.256 1 0 0.254 1 0 0.249 1 0
35 1.772 0.162 3700 4143 0.973 0.732 0.496 0.030 1.688 4 10 1.685 5 2 1.308 1 0
36 1.698 0.201 4269 5263 0.789 0.676 0.310 0.038 1.460 8 10 1.450 7 0 1.277 5 1
37 0.235 0.091 2885 3246 0.888 0.791 0.139 0.056 0.000 0 0 0.000 0 0 0.000 0 0
38 1.506 0.141 2372 3564 0.563 0.523 1.600 0.017 1.492 3 5 1.366 1 0 1.379 1 0
39 0.426 0.124 4476 6444 0.645 0.519 0.067 0.081 0.000 0 0 0.000 0 0 0.000 0 0
40 1.240 0.198 3549 5082 0.643 0.530 0.393 0.034 1.120 4 0 1.097 4 1 0.847 2 0
41 0.518 0.147 2829 3381 0.934 0.628 0.324 0.037 0.162 1 1 0.139 1 0 0.129 1 0
42 0.823 0.083 5656 10628 0.485 0.311 0.065 0.083 0.000 0 0 0.000 0 0 0.000 0 0
43 1.059 0.056 3829 6401 0.567 0.377 0.268 0.041 0.922 4 3 0.792 2 0 0.786 1 0
44 0.287 0.079 1647 2194 0.720 0.588 0.911 0.022 0.191 1 1 0.161 1 0 0.154 1 0
45 0.773 0.071 4893 7223 0.651 0.477 0.094 0.069 0.467 4 1 0.448 3 1 0.330 1 0
46 0.161 0.118 1652 2687 0.487 0.477 0.508 0.030 0.000 0 0 0.000 0 0 0.000 0 0
47 0.364 0.123 2551 2773 0.958 0.812 0.311 0.038 0.148 1 0 0.147 1 0 0.137 1 0
48 0.138 0.070 768 1126 0.654 0.486 4.327 0.010 0.108 1 0 0.105 1 0 0.100 1 0
49 0.281 0.123 3075 6261 0.682 0.174 0.137 0.057 0.000 0 0 0.000 0 0 0.000 0 0
50 1.365 0.137 2792 2995 0.994 0.815 0.890 0.022 1.274 6 4 1.243 4 4 0.956 1 0
51 2.272 0.115 6165 9575 0.745 0.358 0.138 0.057 2.083 4 2 2.055 4 3 1.606 1 0
52 1.300 0.299 2905 4481 0.614 0.444 0.752 0.024 0.937 5 1 1.014 6 1 0.615 2 0
53 0.399 0.133 2681 4405 0.502 0.449 0.293 0.039 0.000 0 0 0.000 0 0 0.000 0 0
54 0.546 0.067 2600 3567 0.981 0.395 0.441 0.032 0.405 3 1 0.328 1 0 0.342 1 0
55 0.236 0.094 1877 2482 0.864 0.500 0.505 0.030 0.000 0 0 0.000 0 0 0.000 0 0
56 0.455 0.080 2930 3855 0.765 0.574 0.257 0.042 0.277 1 0 0.276 1 0 0.268 1 0
57 0.212 0.071 1527 1867 0.905 0.605 0.845 0.023 0.000 0 0 0.000 0 0 0.000 0 0
58 0.784 0.226 1763 2070 0.929 0.665 2.030 0.015 0.699 1 0 0.695 1 0 0.693 1 0
59 0.290 0.035 4279 5756 0.778 0.528 0.052 0.092 0.000 0 0 0.000 0 0 0.000 0 0
60 0.749 0.089 4664 9058 0.434 0.315 0.105 0.065 0.000 0 0 0.000 0 0 0.000 0 0
61 0.229 0.091 2989 3776 0.772 0.642 0.121 0.060 0.000 0 0 0.000 0 0 0.000 0 0
62 1.279 0.123 9222 10779 0.939 0.667 0.023 0.138 0.192 0 4 0.165 1 2 0.096 1 0
63 1.022 0.158 2397 3293 0.928 0.415 1.053 0.021 0.927 6 3 0.913 5 2 0.584 1 0
64 0.815 0.137 3742 4487 0.792 0.732 0.221 0.045 0.653 3 0 0.655 3 0 0.508 1 0
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Table 3: Initial conditions and results of simulations.
NRF ERF CRF
Core N Mcore σnt Rcore Acore B/A C/A ρ¯ tff
∑
M? N? Nbd
∑
M? N? Nbd
∑
M? N? Nbd
(M) (km s−1) (AU) (AU) (10−17 g cm−3) (Myr) (M) (M) (M)
65 1.801 0.217 3981 8985 0.387 0.224 0.405 0.033 1.527 6 6 1.534 5 4 1.282 3 0
66 1.157 0.167 1373 2851 0.366 0.305 6.335 0.008 1.099 4 8 1.054 4 1 0.849 1 0
67 1.807 0.182 4214 7354 0.826 0.228 0.342 0.036 1.209 8 1 1.172 5 1 0.618 1 0
68 0.127 0.068 2644 2811 0.953 0.874 0.098 0.067 0.000 0 0 0.000 0 0 0.000 0 0
69 4.597 0.150 17103 25626 0.703 0.423 0.013 0.184 1.322 8 7 1.489 7 11 1.467 5 2
70 0.187 0.119 1931 2431 0.787 0.637 0.367 0.035 0.000 0 0 0.000 0 0 0.000 0 0
71 0.622 0.356 1476 2322 0.699 0.368 2.744 0.013 0.341 1 0 0.337 1 0 0.332 1 0
72 0.442 0.090 4432 6119 0.761 0.499 0.072 0.078 0.000 0 0 0.000 0 0 0.000 0 0
73 2.173 0.323 6611 10977 0.745 0.293 0.107 0.064 0.868 6 2 0.828 4 1 0.419 1 0
74 0.037 0.077 1079 1418 0.684 0.644 0.413 0.033 0.000 0 0 0.000 0 0 0.000 0 0
75 0.424 0.085 4332 5173 0.841 0.699 0.074 0.077 0.000 0 0 0.000 0 0 0.000 0 0
76 0.357 0.087 1959 2463 0.826 0.609 0.673 0.026 0.227 1 1 0.210 1 0 0.211 1 0
77 0.290 0.080 967 1853 0.544 0.262 4.545 0.010 0.248 1 0 0.234 1 0 0.237 1 0
78 0.110 0.071 1073 1958 0.591 0.278 1.258 0.019 0.000 0 0 0.000 0 0 0.000 0 0
79 0.461 0.221 1214 2235 0.494 0.324 3.655 0.011 0.246 0 5 0.228 2 0 0.179 1 0
80 0.847 0.069 5071 7475 0.719 0.434 0.092 0.069 0.439 1 0 0.455 1 1 0.451 1 0
81 1.815 0.101 6481 8012 0.877 0.603 0.095 0.068 1.509 5 3 1.266 5 3 1.309 5 0
82 0.664 0.097 1077 1258 0.990 0.634 7.537 0.008 0.634 1 0 0.633 1 0 0.629 1 0
83 1.332 0.100 9262 15025 0.607 0.386 0.024 0.136 0.296 1 4 0.312 2 3 0.145 1 0
84 0.994 0.214 3394 5859 0.977 0.199 0.361 0.035 0.000 0 0 0.000 0 0 0.000 0 0
85 0.337 0.048 2805 4211 0.691 0.428 0.216 0.045 0.000 0 0 0.000 0 0 0.000 0 0
86 0.410 0.099 1980 2052 0.969 0.926 0.750 0.024 0.322 1 4 0.284 2 0 0.260 1 0
87 0.182 0.067 2042 5611 0.277 0.174 0.303 0.038 0.000 0 0 0.000 0 0 0.000 0 0
88 0.368 0.134 2551 3441 0.755 0.539 0.314 0.038 0.000 0 0 0.000 0 0 0.000 0 0
89 0.383 0.074 3464 4575 0.749 0.580 0.131 0.058 0.000 0 0 0.000 0 0 0.000 0 0
90 1.273 0.113 3135 4948 0.557 0.456 0.586 0.027 1.059 5 2 1.188 5 2 0.825 1 0
91 1.208 0.064 8357 18062 0.393 0.252 0.029 0.123 0.000 0 0 0.000 0 0 0.000 0 0
92 0.647 0.115 4163 5090 0.857 0.639 0.127 0.059 0.000 0 0 0.000 0 0 0.000 0 0
93 2.737 0.066 9102 10841 0.847 0.699 0.051 0.093 2.427 6 6 2.402 4 6 1.662 1 0
94 0.359 0.276 1384 2865 0.389 0.290 1.923 0.015 0.000 0 0 0.000 0 0 0.000 0 0
95 0.365 0.094 1262 1830 0.573 0.573 2.573 0.013 0.329 1 4 0.274 1 0 0.282 1 0
96 0.644 0.108 3642 5406 0.575 0.531 0.189 0.048 0.466 1 5 0.363 1 0 0.378 1 0
97 1.055 0.074 6965 10928 0.562 0.461 0.044 0.100 0.521 3 3 0.540 3 0 0.449 1 0
98 3.319 0.117 4889 8811 0.462 0.370 0.403 0.033 2.606 8 34 3.142 8 2 2.977 5 0
99 0.691 0.197 4088 8322 0.492 0.241 0.144 0.056 0.000 0 0 0.000 0 0 0.000 0 0
100 0.093 0.059 889 1324 0.640 0.474 1.885 0.015 0.000 0 0 0.000 0 0 0.000 0 0
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Table 3: Initial conditions and results of simulations.
NRF ERF CRF
Core N Mcore σnt Rcore Acore B/A C/A ρ¯ tff
∑
M? N? Nbd
∑
M? N? Nbd
∑
M? N? Nbd
(M) (km s−1) (AU) (AU) (10−17 g cm−3) (Myr) (M) (M) (M)
Total 99.73 55.5 200 217 54.1 186 89 44.6 93 5
3 The total mass of all cores. The total mass of only the prestellar cores is 75.7 M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